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P L A N E T S  O N LY  L I V E  W H E R E  
B I N A R Y  S Y S T E M S  A L L O W  T H E M  

Oh, and binaries matter for our understanding of extra-galactic 
astrophysics, reionization, compact object progenitors,etc…



O U T L I N E

• Where do binaries come from (the 1 minute version) 

• What do binaries do to planets (the 2 minute version) 

• How binaries might help “unsolve” some solved problems: 

• The planet metallicity correlation: weaker than stated 
due to binary suppression of planet formation 

• The apparent enhancement of close-in planets around 
low-mass stars: may be partly explained by binary 
statistics
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configuration will remain nearly unchanged during collapse, even if the
protostars move as far as possible (in straight lines at the gas sound speed)
for the duration of the collapse (,1,700 AU or 6.80 at the distance of Per-
seus). Figure 1b shows, as dotted circles, the possible ranges over which
protostars could move in a free-fall time. The circles are smaller than the
current condensation radii, so we conclude that this is a multiple system
caught at the beginning of its formation.

In order to determine if the multiple stellar system is bound, it is nec-
essary to estimate the masses of the stars that will be formed within the
condensations. However, there are two complicating factors that make
mass estimates uncertain. First, we must estimate what fraction of
the condensation mass will end up in the star. Comparison between
the initial mass function of stars and the distribution of dense core
masses suggests that individual cores have a star formation efficiency
of eDenseCore 5 MStar/MDenseCore < 30% (refs 23–25). Theoretical esti-
mates based on the effects of protostellar outflows predict core effi-
ciencies of eDenseCore 5 25–75% (refs 26–28). Here, the condensations
are embedded inside a previously identified dense core, B5, and they
have radii one-tenth those of typical dense cores. Therefore, it would
not be surprising if their star formation efficiency is close to 100%, at
eCondensation 5 MStar/MCondensation < 75% (ref. 26). Second, since the
condensations are embedded within dense filaments, it is possible that
the final stellar masses will be higher than the current measured con-
densation mass, because additional gas can flow along the filaments
and accrete onto the condensations29,30. If we adopt a very conservative
estimate for the efficiency of 30%, and assume no additional mass accre-
tion from the filaments, the final stellar masses formed from the con-
densations will be above the brown dwarf limit (80 Jupiter masses).
Further fragmentation could occur within the condensations, however,
given the low multiplicity fraction at these masses, ,26% (ref. 4), so for
our analysis we assume the most likely outcome, single stars. The lower
the final stellar masses, the less likely the system is to be bound, so we

have made the most pessimistic assumptions possible (giving the lowest
stellar masses) in evaluating boundedness.

Depending on the final stellar masses and kinematics, the resulting
multiple stellar system could either be strongly bound or quickly dis-
solve owing to dynamical interactions. Given the dynamical instability
of higher order systems, it is very likely that even if all the stars are initially
bound, one or more will be dynamically ejected at a later time8,9. For the
closest possible pair, B5-IRS1 and B5-Cond2, we calculate the energies
for a wide range of final stellar masses and under different kinematical
and spatial distribution assumptions. In each case, we make different as-
sumptions to reconstruct the total velocity dispersion and total separa-
tion based on our measured line-of-sight values. Figure 2 shows that the
ratio of kinetic to gravitational energy is much less than one for all these
cases, and therefore the pair is gravitationally bound.

Similarly, we compare the kinetic and gravitational energies for the
expected stellar system taken all together, and find that the quadruple
system is bound. Although bound, it is not likely to be a stable hierarch-
ical system in the long term (see Methods), and the system will probably
dissipate into a wide-separation binary system (B5-IRS1 and B5-Cond2).
An important caveat is that this analysis does not take into account the
effect of gas. The system is embedded in a larger reservoir of gas (the B5
core), which is several times the combined mass of the condensations.
This additional gas can have two effects on the system evolution. First,
the gravitational potential of the dense gas enhances the binding energy
of the system by increasing the stellar escape velocity. Eventually, much
of this gas will be removed by outflows. Second, the gas acts as a drag force
on the stars, dissipating some of the stellar kinetic energy. Both these
effects support the same outcome: a bound stellar system, at least during
the formation stage. These results show that fragmentation of filaments
would happen at scales smaller than those predicted by Jeans fragmen-
tation of dense cores14,25, and therefore filaments (or substructure in
general) might be crucial ingredients in the formation of multiples.
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Figure 1 | High-angular-resolution image of dense gas and stellar
progenitors. a, Background image from the JVLA of the Barnard 5 region shows
the dense gas traced by NH3(1,1). It reveals two filaments, which together host
three gravitationally bound condensations (B5-Cond1, 2, 3). Red contours and
orange-filled circles show the condensation boundaries and centres, while the star

indicates the protostar (B5-IRS1) location. b, Contour map showing the filaments
in dense gas. Greyscale circles show the distance that could be covered during
40,000 years while moving at the speed of sound, 0.2 km s21. In a and b, filled red
circle at bottom left shows the angular resolution of the observations, and scale bar
is shown at bottom right.
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T W O  M O D E S  O F  B I N A R Y  F O R M AT I O N

• Filament / Core Fragmentation (Bate et al 2003, 
Fisher 2004, Offner et al 2010, Cunningham+2018, 
Li+2018) 

• Disk Fragmentation (better at high masses…)
(Bonnell and Bate 1994, Adams et al 1989, Kratter et 
al 2008,2010)

1000-10,000AU 10-100AU

Kratter+10  Tobin+2016

Kratter 2011

 Bate+12    Pineda+15



Binaries form via core and disk fragmentation, and migrate 
to shorter separations. We expect much of the orbital 

evolution to occur DURING the Pre-Main Sequence
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Second, we examine the companion frequency >f P qlog ; 0.3
across intermediate periods 1.5logP4.0. At these inter-
mediate separations, the observed frequency of companions to
mid-B, early B, and O-type primaries is definitively larger than the
solar-type binary frequency (see top panel of Figure 37). The
weighted average of the two O-type observations in this period
interval is >f P qlog ; 0.3=0.16±0.04. The one early B measure-
ment is >f P qlog ; 0.3=0.18±0.05, and the weighted average of
the three mid-B values is >f P qlog ; 0.3=0.12±0.03. For solar-
type binaries, the companion frequency increases from

>f P qlog ; 0.3=0.020±0.007 at log P=1.5 to >f P qlog ; 0.3=
0.056±0.011 at log P=4.0. At log P≈3, the frequency

>f P qlog ; 0.3=0.06±0.02 of companions to A-type/late B
primaries is only slightly larger than the frequency

>f P qlog ; 0.3=0.035±0.010 of companions to solar-type pri-
maries. We fit the weighted averages of the companion
frequencies according to primary mass at logP=2.7:
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Finally, at wide separations, the binary frequency decreases
from >f P qlog ; 0.3≈0.08 at log P=5 to >f P qlog ; 0.3≈0.04 at
log P=8 (see top panel of Figure 37). For long orbital periods,
there is a slight non-monotonic trend between primary mass M1
and the frequency >f P qlog ; 0.3 of companions with q>0.3. By
averaging the observations near log P=6 within each spectral
subtype interval, we measure >f P qlog ; 0.3=0.07±0.01,
0.06±0.01, 0.05±0.01, 0.08±0.04, and 0.09±0.02 for
solar-type, A/late B, mid-B, early B, and O-type primaries,
respectively. By fitting these observations and accounting for
the period dependence >f P qlog ; 0.3 ∝ exp[−0.3(log P− 5.5)]
beyond log P>5.5, we find the companion frequency at

Figure 37. Top panel: frequency >f P qlog ; 0.3 ( )M P,1 of companions with q>0.3 per decade of orbital period. We display all our measurements after correcting for
incompleteness and selection effects, and we group the data into the same five primary mass/MS spectral type intervals as displayed in Figure 35. We fit analytic
functions (dotted) to the observations. Solar-type MS binaries follow a lognormal period distribution with a peak of >f P qlog ; 0.3≈0.08 near log P (days)=5
(a≈50 au). For early-type primaries, the companion frequencies >f P qlog ; 0.3≈0.1–0.2 are substantially larger at short (log P1) and intermediate (2log P4)
orbital periods. For mid-B and early B primaries, the companion frequency peaks at log P≈3.5 (a≈10 au). For O-type MS stars, the orbital period distribution may
be slightly bimodal with peaks at short (log P1) and intermediate (log P≈3.5) periods. Bottom panel: frequency >f P qlog ; 0.1 of companions with q>0.1 per
decade of orbital period. In this case, our model for >f P qlog ; 0.1 is completely described by the analytic functions that fit >f P qlog ; 0.3 (top panel) and the mass-ratio
distribution parameters �twin, g qlarge , and g qsmall (see Figure 35). Although we do not directly fit >f P qlog ; 0.1, our analytic function matches the data reasonably well.
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C I R C U M B I N A R Y  ( P - T Y P E )C I R C U M S T E L L A R  ( S - T Y P E )

S O  W H E R E  C A N  P L A N E T S  L I V E ?

S - T Y P E  A R E  E X P E C T E D  T O  
B E  D I S T U R B E D  B Y  

B I N A R I E S  < ~ 1 0 0  A U

C B P  F O R M AT I O N  I S  A LWAY S  
I M PA C T E D  B Y  E V O L U T I O N  O F  T H E  

B I N A R Y  ( D Y N A M I C A L LY,  
H Y D R O D Y N A M I C A L LY )



I N D E E D ,  K E P L E R  S H O W S  R E D U C T I O N  I N  
P L A N E T  O C C U R R E N C E  I N  C L O S E - I S H  B I N A R I E S

mass ratio were selected (Vbin(q)/Vsingle), and add the result to a
2D histogram of the number of binary companions that were
expected in our sample, N(ρ, q). We repeat this process to
create 107 binaries, which we find is more than sufficient to
minimize numerical errors in the resulting distributions. To
more directly compare the projected separations, we end by
marginalizing this distribution over the range of q where
background stars are not a significant contributor
(0.4<q<1.0) to produce a 1D histogram of the number of
binary companions expected in our sample, N(ρ).

In Figure 7 (left), we show the 2D histogram of N(ρ, q) that
would be predicted for our KOI sample if the binary
companions are drawn from the field binary population of
Raghavan et al. (2010), as well as the projected separations and
mass ratios of our observed binary companions. The forward-
model of Raghavan’s binary population clearly captures the
excess of equal-mass binaries due to Malmquist bias, as well as
the overall variations in binary counts at 100–1000 au.
However, the predicted number of binary companions at
ρ50 au is clearly higher than the number we observe. In
Figure 7 (right), we show the corresponding histogram of N(ρ)
(for q>0.4) that we observe and the companion separation
distribution that the Raghavan binary population would
produce. This figure emphasizes the deep paucity of binary
companions at small projected separations; while the Raghavan
model would predict 58 binary companions with
ρ=1.5–50 au, we only observe 23 such companions. The
goodness of fit for the right-hand panel is χ2=74.1 with 7
degrees of freedom (since there are no fit parameters), or
χν
2=10.6.
However, we would expect a few close companions just

from projection effects for wide edge-on or eccentric systems,
even if there were no binary companions with small semimajor
axes. To quantify this paucity, we have constructed a model
whereby the binary population to planet hosts is similar to the
Raghavan et al. (2010) distribution, except with a cutoff in

semimajor axis acut inside which the binary occurrence rate is
multiplied by a suppressive factor Sbin. Again, since binary
companions are unlikely to be strongly affected by much less
massive planets, then this model actually corresponds to the
suppression rate of planet occurrence in the (known) binary
population with a<acut. We then reran the Monte Carlo for a
range of possible values for acut and Sbin and computed the χ2

goodness of fit with respect to the observed projected
separation distribution. The posterior was computed using an
Metropolis-Hastings MCMC that explored the joint parameter
space of the two parameters using 5 walkers producing chains
of N=2×105 samples. We used a log-flat prior on acut
(matching the broadly logarithmic nature of the binary
semimajor axis distribution; Raghavan et al. 2010) and a Beta
prior on Sbin (since it is a binomial parameter; Jeffreys 1939).
In Figure 8, we show the joint posterior on acut and Sbin and

the corresponding marginalized posteriors for each parameter.
There is clearly a degeneracy between the allowed values of
acut and Sbin, such that a less severe suppression factor is
allowed if the cut is at large semimajor axis. However, the null
hypothesis (acut=0 au or Sbin=1.0) is ruled out at 4.6σ or
>99.99% confidence, demonstrating that despite the degen-
eracy between the range and severity of the effect, the
occurrence rate of short-period binaries is clearly suppressed.
The median values and 68% credible intervals for each
marginalized parameter distribution are a 47cut 23

59= -
+ au

and S 34bin 15
14= -

+ %.
In Figure 9, we show the corresponding best-fit models of N

(ρ, q) and N(ρ) for our observed population of binary
companions to planet hosts, using the median values of acut
and Sbin from the marginalized distributions shown in Figure 8.
The resulting goodness of fit is χ2=6.03 for 5 degrees of
freedom ( 1.212c =n ). Even this simple toy model produces an
excellent fit to the data, arguing against the use of a more
sophisticated model without a significantly larger data set.

Figure 7. Left: candidate companions (red crosses) among our sample, plotted on top of the expected density of binary companions in the observed parameter space N
(ρ, q) if binary companions were drawn out of the distribution reported by Raghavan et al. (2010), simulated with a random orbital phase, and then subjected to
Malmquist bias and our observational detection limits. There is a clear deficit of candidates at small projected separation (denoting a paucity of short-period binaries)
and an excess of faint, wide candidates (denoting the regime where background star contamination dominates). The uncontaminated space where we conduct statistical
tests (q>0.4, a<5000 au) is outlined with a white dotted line. Right: the marginalized distribution of projected separations, N(ρ), for all companions with q>0.4
(which omits nearly all background stars). The red histogram shows our observed sample, while the blue curve shows the predicted population if binary companions
were drawn out of the distribution reported by Raghavan et al. (2010). As in the left panel, the deficit of close binaries is clearly evident; the distributions differ with
χ2=74.14 or 10.62c =n with 7 degrees of freedom (since this is a pure comparison with no fit parameters). We observe 23 companions with ρ<50 au, while the
distributions of Raghavan et al. (2010) predict 58.0±7.6 such companions; we therefore see a 4.6σ deficit in this regime, and many of these detections likely are
wide-orbiting companions that we see close only in projection. This deficit demonstrates that close binaries host planets at a lower occurrence rate than single stars or
wider binary systems.
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S O  W H AT  D O E S  B I N A R Y  I N D U C E D  
S U P P R E S S I O N  M E A N  F O R  P L A N E T  S TAT I S T I C S ?



T H E  P L A N E T  M E TA L L I C I T Y  C O R R E L AT I O N ?

• Starting from the old 
RV days (Fischer & 
Valenti 1995), it has 
been well known that 
planets seem more 
common around 
metal rich stars 

• See Andrew’s talk for 
why this might make 
sense

occurrence per Plog is observed to decline, while planet
occurrence is roughly constant for longer periods.

2. Warm Planets. P=10–100days. An intermediate range
of orbital periods. While warm planets are intrinsically
more common than hot planets, they represent about half
of the total sample due to falling completeness and transit
probability with increasing orbital period.

3. Cool Planets. P 100 350 days= – . The longest period
planets included in our survey. There are very few planets
in our sample with such long periods due to falling
completeness and decreasing transit probability.

Here, we note some qualitative features in Figure 4. Stars of
all metallicity bins host warm super-Earths and warm sub-
Neptunes. Cool Jupiters are intrinsically rare at all metallicities,
but they are present in all four metallicity bins. We observe a
steady increase of hot Jupiters with increasing metallicity. Sub-
Saturns of all orbital periods are almost completely absent in
the lower two metallicity bins, which represent half of the
parent sample + ; they are almost exclusively found around
high metallicity stars. While there are some examples of hot
super-Earths in each metallicity bin, their numbers increase
with increasing metallicity. Finally, there is almost a complete
absence of hot sub-Neptunes in the lowest metallicity bins. Hot
sub-Neptunes are more common with increasing metallicity.

In order to quantitatively assess the extent to which
metallicity enhances the production of different types of
planets, we compare the distribution of planet host metallicities
to that of the field star population. In Table 5, we list the mean
metallicities of the various planet subclasses as well as the
standard error of the mean (SEM), which we compare to the
mean field star metallicity, as measured from LAMOST
spectra.

We assess the significance of the difference between field
star and planet host star metallicities using the student t-test,
which evaluates the difference between the means of the two

samples in units of SEM, the t-statistic. The t-test also returns a
p value‐ , which is the probability that field stars and planet host
stars are drawn from distributions with the same mean value.
We may observe statistically significant differences in mean

metallicity for two reasons: (1) intrinsic differences between
planet host and field star metallicities or (2) residual offsets in
the CKS and LAMOST metallicity scales. While we calibrated
LAMOST metallicities to the CKS scale, we estimate that
offsets of 0.01dex may remain (see Section 2.4 and
Appendix A). To account for the possibility of such residual
offsets, we perform three t-tests for each sample where we shift
the LAMOST metallicities by −0.01, 0.00, and +0.01 dex.
Each of these different tests returns a different p value‐ . We use
the largest (most conservative) p value‐ to assess differences in
mean metallicities. If the largest p-value is less than 0.01, we
deem the metallicity difference to be significant.
Stars hosting Jupiter-size planets have enhanced metalli-

cities, Fe Há ñ[ ] = +0.12 ± 0.04 dex. The hot Jupiters hosts,
with mean metallicity of Fe Há ñ[ ] = +0.19 ± 0.04 dex, are
significantly enhanced relative to field stars (p value‐ <
8 10 4´ - ). While the mean metallicities for the warm and
cool Jupiter hosts are also enhanced, the small numbers of such
planets prevent a high significance detection of a metallicity
enhancement.
Of all the planet size classes studied, the sub-Saturn hosts

have the highest mean metallicity, Fe Há ñ[ ] =+0.16±
0.02 dex. Among the sub-Saturns, the hot sub-Saturns have
the highest mean host star metallicity, Fe Há ñ[ ] = +0.26 ±
0.04 dex. We find that the hot and warm sub-Saturns hosts
were significantly enhanced compared to field stars, while
small numbers of detected cool sub-Saturns prevented a
detailed comparison.
As a whole, the sub-Neptunes have a mean metallicity of

Fe Há ñ[ ] = +0.05 ± 0.01 dex, close to the field star value.
However, when split according to orbital period, we find that
the hot sub-Neptunes have an enhanced mean metallicity,

Figure 3. Panel (a) shows the sizes and host star metallicities for the 970 planets in the filtered CKS planet catalog ( . We observe a clear deficit of planets larger than
Neptune with sub-Solar metallicities. The Fulton et al. (2017) radius gap may be seen from RP=1.5–2.0RÅ. We show the mean host star metallicity for various size
ranges of planets with the red lines. The vertical bars show the standard error of the mean. The purple lines show the 25% and 75% quantiles. Mean metallicity is
roughly constant from 0.7RÅ to 2.0RÅ, rises from 2.0RÅ to 4.0RÅ, and is roughly constant from 4RÅ to 16RÅ. Panel (b): same as (a) except showing orbital
period on the x-axis. We observe a small 0.05dex increase in mean metallicity with decreasing orbital period over P=1–10days.
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C O N C L U S I O N S

• Where do binaries come from: core and disk fragmentation 

• What do binaries do to planets: suppress formation 

• How binaries might help “unsolve” some solved problems: 

• The planet metallicity correlation: it may be weaker than 
expected due to binary suppression of planet formation 

• The apparent enhancement of close-in planets around 
low-mass stars: may be partly explained by binary 
statistics


